Abstract. It is presumed that the observed cosmic rays up to about 3 × 10 18 eV are of Galactic origin, the particles being the ones which are found in the composition of the stellar winds of stars that explode as supernova into the interstellar medium (ISM) or into their winds. These particles are accelerated in the supernova shock. In order to obtain the observed cosmic ray spectrum it is necessary to take into account the diffusive losses in the Galaxy (which are making the energy spectrum more steeper). Another modification of the source spectrum is due to the fragmentation (spallation) of the cosmic ray particles, after their collision with the ISM atoms. In this paper we are proving that some particles are injected in the supernova shock one or two time ionized, and, also, that the contribution of massive stars (30M ⊙ ≤ M ≤ 50M ⊙ ) accelerated particles to cosmic rays (where the winds are highly enriched in heavy elements) is 1:2 for elements with Z ≥ 6. Another goal of this paper is to check if the particles are injected with the same velocity, energy or momentum.
by a factor of about 4 and the nuclide 20 Ne by a factor of about 6. The elements C and Zn and the nuclide 22 Ne are underabundant by a factor of about 2.
The cosmic ray source abundances of elements and isotopes are deduced from the abundances of cosmic rays near Earth, applying propagation corrections for the secondary components produced by nuclear spallation in the interstellar gas.
The cosmic ray source composition resembles that of normal stars like the Sun, modified by the photosphere, chromosphere to corona particle escape mechanism that result in a diminished element abundance for the elements whose first ionization potential (FIP) exceeds about 10 eV [19] . We note that FIP provides a partial organizing principle of the ratios of cosmic-ray source abundances relative to general abundances. The value of about 10 eV implies a first-stage injection temperature (at stellar photospheres) of ∼ 10 4 K (about 1 eV), with easier escape for the charged ones. When these particles become coronal particles, they are boosted up to energies near 1 keV. Some of the coronal particles are boosted up in energy, becoming flare particles, with energies of the order of 1 MeV. A further stage of injection (stellar flare particles near the shock waves of supernova remnants) at energies near 1 MeV is plausible, as relative ionization loss effects on particle range and on the composition cancels due to the effective charges of atoms near energies of 1 MeV/nucleon.
It is to be noted that the elements (and isotopes of Ne) with FIP > 10 eV have a very wide spread, and that other organizing principles in addition to FIP are needed. Since cosmic rays' 22 Ne, C and O contain contributions from Wolf-Rayet stars, and Ne could be affected by suppression of light elements, it is useful to adopt the elements S and Ar for the FIP correction. A value of I = 0.27 for FIP ≥ 10.4 eV is adopted, and I ≡ 1 for FIP ≤ 8.4 eV. Zn, with FIP = 9.4 eV, is in the middle of the transition region.
Other forms have been proposed for the FIP correction, a linear fit being still unsatisfactory (as seen in [19] ) especially for N and 22 Ne.
Contribution of Wolf-Rayet Stars to the Composition of Cosmic Rays
A second difference between the cosmic ray source composition and the general abundance is the enhancement of 22 Ne, 25 Mg and 26 Mg. Prantzos et al. [15] showed that the abundance ratio C/O in cosmic rays (about twice the solar one) can be explained in terms of Wolf-Rayet star contribution to carbon. The winds of Wolf-Rayet stars are energetic, close to 0.1 MeV/nucleon, relatively close to the energies of flare particles, and so, the acceleration of these wind particles is possible. The Wolf-Rayet stars go through two phases: WN, when the nitrogen produced in CNO hydrogen-burning cycle is abundant at the stellar surface, and WC, when the carbon, produced in helium burning, is abundant at the surface, and 14 N burns into 22 Ne [19] .
Spallation Correction
The spallation is one of the processes having the most important role in the modification of the abundance of cosmic rays in their transportation through ISM. The basic features of target fragmentation, sometimes called "spallation", are very well understood: heavy fragments arise from peripheral collisions of heavy ions or relativistic protons with the target nucleus. These so called "spectators" of the reaction are excited primary fragments which then decay into the final fragments by a sequence of evaporation steps.
The spectrum of the residual nuclei seems to be determined to large extent, but not fully, by the evaporation process.
The difference between the spallation in high-energy physics in accelerators and in astrophysics is that, in the first case, the targets are the nuclei and the projectiles are the high-energy protons, while in the second case the targets are the ISM protons (in first approximation) and the projectiles are the nuclei that form the cosmic radiation. So, everything depends just on which particle is putted into the reference frame. About 10% by number of the interstellar gas is helium. Hence, about 20% of cosmic ray generated nuclear spallation nuclear products are formed in nucleus-helium interactions. In the analysis of cosmic ray interactions with atmospheric nuclei (mainly nitrogen and oxygen) an accurate knowledge of nucleusnucleus interactions becomes essential [20] . High-energy protons cause many different nuclear reactions and, in principle, all these nuclear processes have to be taken into account for a proper description of the total process. Possible outgoing particles are, for example, all light particles, gamma rays and (above incident energies of 150 MeV) pions. Furthermore, high-energy fission may occur and outgoing particles from the proton bombardment stage further reactions. Clearly, a wide spectrum of reaction products will be formed. Because of this diversity, the nuclear data needs for accelerator-based transmutation have been categorized in the following classes:
High-energy proton reactions represent the primary step of the total transmutation or spallation process, and the importance of nuclear data associated with these reactions is obvious. Also, secondary protons with lower energy than the bombarding energy are involved. Needed data include total, elastic, inelastic, spallation cross sections, fission cross sections and reaction cross sections for outgoing light particles (p, n, d, t, α, γ, π + , π 0 , π − ) and fission products. In particular, total neutron and proton production cross sections are relevant. Energy-angle distributions are mainly required for outgoing high-energy neutrons and protons. Cross-sections for outgoing protons or neutrons constitute the most important data. For the method based on intense neutron fluxes, (p, xn) data have highest priority, but also the total proton, neutron and spallation yields are required.
(ii) Neutron-induced reaction data
After the interaction of a high-energy proton with a target nucleus, high-energy neutrons which have been knocked out by the intranuclear cascade will induce secondary nuclear reactions and/or fission products in the actinides and in the spallation target. The same data as needed for proton-induced reactions are required for these high-energy neutrons. The highly excited residual nucleus that is left after the intranuclear cascade also evaporates a large number of relatively low-energy neutrons.
The low-energy reactions that are induced by these outgoing neutrons have been subject to extensive evaluations. The additional neutron-induced data that are required are therefore mainly those for energies between 20 and 1500 MeV.
(iii) Other nuclear reaction data
The spallation occurs when the supernova shock travels through the stellar wind and then hits the surrounding molecular shell of dense gas. Then, there are two ways to consider the spallation: first, in the approximation that the spallation is steady, and second, that the spallation takes place in an expanding medium with a time scale of expansion comparable to the time scale of the spallation.
The Initial Mass Function (IMF)
The IMF is assumed to be a time invariant mass spectrum with a power law of the form:
for which m is the mass of a main sequence (MS) star in units of M ⊙ , m l ≤ m ≤ m u and n(m)dm -the number of stars in the mass interval m and m+dm; m l is a lower mass limit of stars, and m u is an upper limit of stars. Normally, the IMF is derived from the observed present-day mass function (PDMF) in the solar neighborhood, which is assumed to be independent of time. The derivation of the IMF from PDMF is difficult, involving assumptions about the star formation rate during the lifetime of the Galaxy. For stars with lifetimes longer than the age of the Galaxy (m ≤ 1M ⊙ ), IMF is derived by assuming an average star formation rate in the past, whereas for stars with lifetimes negligible relative to the age of the Galaxy (m ≥ 2M ⊙ ), the IMF is derived by assuming a present-time formation rate and taking into account the stellar lifetimes (τ(m)). Given the uncertainties in both theory and observation, the IMF variations can be parameterized, and the proposed IMF can be tested by means of a detailed chemical evolution model. This method has been adopted in many cases. For example, globular clusters are expected to have a IMF similar to the Miller-Scalo form, with a typical lower mass limit of 0.1 M ⊙ . The Miller-Scalo IMF can be well approximated by a half-Gaussian distribution in log m :
where C 0 = 66.2, C 1 = 1.15, C 2 = −0.88 [10] .
Chemical Yields for MS and post-MS Stars
To have acceleration of wind particles in supernova shocks, first it is necessary to have a star massive enough to make possible the supernova explosion and, also, in their pre-supernova stage, strong winds to enrich the circumstellar medium with heavy elements. In the Hertzsprung-Russell diagram, stars along the main sequence need to be considered in four separate zero age mass ranges:
• The evolution of massive stars depends strongly on mass loss by stellar winds. The most illustrative example is given by the fact that massive stars with initial masses above 25 M ⊙ are likely to be left with only about 5 M ⊙ at the end of their Wolf-Rayet stage. Wolf-Rayet stars represent a late evolutionary stage of stars with masses of 25-50 M ⊙ which occurs as a result of the loss of all or at least the major part of their hydrogen-rich envelope. Although WR stars are among the most luminous stellar objects in the sky and contribute substantially to the chemical and dynamical evolution of galaxies, even their basic properties, e.g. their radii or their luminosities, are still not well known today. This arises mainly from the fact that WR stars are obscured by their own dense stellar wind, the origin of which is not yet understood and which renders the modeling of WR stars and their atmospheres difficult [6] .
Through frequently modeled, the hydrogen and helium burning stages of massive stellar evolution are greatly affected by uncertain physics: convection, mass loss and the cross section for the 12 C(α, γ) 16 O reaction. The extent of convective penetration into regions which are stable according to local criteria ("convective overshooting") is especially uncertain. Observational arguments in favor of a moderate amount of overshooting is, for example, the main-sequence widening, but those arguments are indirect, and other processes such as rotationally induced mixing or improvements in radiative opacities might satisfy the same observational constraints.
A second uncertainty concerns the efficiency of molecular weight gradients in preventing convective mixing ("semiconvection"). Two extreme assumptions are frequently seen in the literature: (i) that molecular weight barriers may be neglected altogether ("Schwarzschild criterion" for convection); (ii) that molecular weight barriers prevent almost any mixing ("Ledoux criterion" for convection).
In between these extremes, semiconvection describes the rate of mixing in regions having superadiabatic temperature gradients, but stabilized by finite molecular weight gradients.
The physics of mass loss is not sufficiently well understood for almost any evolutionary phase of massive stars to make a reliable quantitative prediction. Progress has been achieved recently in the theory of radiatively driven winds, which is applicable to the hot stages (T e f f ≥ 15, 000 K) of massive hydrogenrich stars, but this still involves considerable uncertainty and does not agree with observed mass-loss rates to better than a factor of 2. Much more uncertain are the mass-loss rates for red supergiants. Only approximate fits to the observations exist and a factor of 10 uncertainty may not be an overestimate. Finally, mass-loss rates for LBVs and for the various types of WR stars are also uncertain.
Mass Loss and its Effects on the Chemical Yields
Mass loss by stellar winds is a dominant effect in the evolution of stars with an initial mass M ≥ 20M ⊙ . The standard picture for the pre-supernova structure of a massive star (at least near solar metallicity) is that of a red supergiant which contains a hydrogen-rich envelope of many solar masses at the time of explosion.
However, the inclusion of mass loss allows several alternative structures, all of which presumably have observational counterparts as supernovae. There may be red supergiants with a very small hydrogen-rich envelope, hydrogen-rich WR stars, helium stars (WR stars with a surface helium mass fraction Y S = 1 − Z, with Z as initial metallicity), or WR stars of WC or WO type, which contain large amounts of He, C and O (and no hydrogen) at their surface.
The star may become a bare core, then enter the WR stage and follow all or part of the sequence WNL (L for late), WNE (E for early), WCL, WCE and WO. This sequence corresponds to a progression in the exposition of the nuclear products: CNO equilibrium with H present (WNL), CNO equilibrium without H (WNE), early visibility of the products of the 3α reaction (WCL) and the growing of the (C+O)/He ratio in the WCE and WO stars. The comparison of the observed and predicted abundance ratios confirms the validity of the views on the CNO cycle and He-burning.
The evolution of massive stars is highly dependent on the initial stellar metallicity Z through the effects of mass loss. The mass loss depends on metallicity because the radiation pressure on the envelope depends on the abundance of metallic ions. The mass lossṀ in O-and B-type stars varies likeṀ ∼ Z α , with a value of α between 0.5 and 1. When the star enters the WNE stage and after the disappearance of its hydrogen, a very important effect is that its mass loss rates essentially behave likeṀ ∼ M 2.5 , probably with no dependence on the initial Z. Consequently, theṀ-rates are very large at the beginning of the WNE stage (up to 10 −2 M ⊙ /year for M ≃ 50M ⊙ ) and they then decline very rapidly as the stellar mass is decreasing. This produces a remarkable mass convergence (for example, all stars at solar metallicity with initial M ≥ 25M ⊙ reach the pre-SN stage with a final mass of about 5M ⊙ ). The metallicity dependence of the mass loss rates has been included in various grids and models. As a result the relation between the final and initial masses is very different according to the initial Z. At solar Z one has the above-mentioned mass convergence, while at very low Z the final masses are very close to the initial ones.
The initial metallicity of the star affects not only mass loss, but also the outcome of nucleosynthesis. For metallicities Z < Z ⊙ /20 mass loss has presumably a negligible effect on the yields of stars of all masses. During H-burning, the initial CNO transforms to 14 N, and part of the latter nucleus turns into 22 Ne during He-burning (through α captures and one β decay). 12 C, 14 N and 16 O all have equal numbers of neutrons and protons but not 22 Ne (10 protons and 12 neutrons). This surplus of neutrons (increasing with initial metallicity) affects the products of subsequent burning stages and, in particular, of explosive burning, favoring the production of odd nuclei ("odd-even" effect) [14] .
Mass Loss Rates
• The mass loss rate employed during helium burning (up to carbon ignition) isṀ = −kM 2.5 (with M in M ⊙ andṀ in M ⊙ /year) and k = 6 × 10 −8 M ⊙ /year, so long as the carbon surface mass fraction does not exceed 0.02, and k = 10 −7 M ⊙ /year afterward [8] . This is also the mass loss rate taken for hydrogen-free WR phase, but with k = 6 × 10
• For WR stars with a nonvanishing surface hydrogen abundance (WNL stars) the mass loss might be assumed constant:
• For hydrogenless WR stars a mass loss rate as follows can be adopted:
with α = 2.6, and k = 5 × 10 −8 M ⊙ /year for hydrogenless WN stars (WNE stars) and k = 10 −7 M ⊙ /year for WC/WO stars [7] .
Effects of Rotation on the Surface Abundances and Chemical Yields
For non-rotating stars, the surface enrichment in H and N occurs when the star reaches the RSG phase. There, CNO elements are dredged-up by deep convection. For rotating stars, N-excesses occur already during the MS phase, for solar metallicity Z = 0.02, the predicted excesses amount to factors 3 and 4 for initial v rot = 200 and 300 km/s respectively. At lower metallicity, the N-enrichment during the MS phase is Table 1 . Surface mass fractions of various isotopes in stellar evolution models in the initial mass range 15M ⊙ ≤ M init ≤ 50M ⊙ at the pre-SN stage. The pre-SN configuration is also indicated, where RSG means red supergiant and WC stands for Wolf-Rayet star of the carbon sequence. The last column gives the initial mass fractions used in the stellar evolution calculations [9] . smaller, due to the lower mass loss. However, there is a very large increase (up to a factor of ∼ 10) for late B-type supergiants, because at low Z the star spends a lot of time in the blue phase and mixing processes have time to work. These predictions are in agreement with the observed excesses for galactic B-and A-type supergiants. Also, the very large excesses observed for A-type supergiants in the Small Magellanic Cloud are remarkably well accounted for. The chemical yields are strongly modified by rotation. The larger He-cores obtained in rotating models at core collapse imply larger productions of He and other α-nuclei elements. This is the most important effect of rotation on the chemical yields. In addition, by enhancing the mass loss rates and making the formation of WR stars easier, rotation favors the enrichment of the ISM by stellar winds. The rotational diffusion during the H-burning phase enriches the outer layers in CNO processed elements. Some 14 N is extracted from the core and saved from further destruction. The same can be said for 17 O and 26 Al, a radioisotope with a half-life of 0.72 Myr. The mixing in the envelope of rotating stars also leads to a faster depletion of the temperature sensitive light isotopes, for instance lithium and boron [2] . The supergiants at low Z in the range of 9 to 20 M ⊙ seem to be good candidates for the production of primary nitrogen [11] .
Our Model
After a discussion with P.L. Biermann we decided that, for computing the mass fractions of different elements in the winds of massive stars, it is useful to write:
where X i (M) is the mass fraction of element i (see Table 1 ) in the stellar wind ejecta, for one computed stellar model (with given semiconvection and metallicity) and for one initial stellar mass. Here Φ(M) is the Miller-Scalo IMF:
where C 0 = 66.2, C 1 = 1.15, C 2 = −0.88. M is the mass of MS star in units of M ⊙ . In equation (1), M i and M f are the initial and final masses between which the stars exploding as supernova enrich the ISM. For obtaining the contribution of all the masses from H-R diagram one must make a summation after all those intervals between 15 and 50 solar masses (so, for the stars that are having strong winds).
The mass range is split in intervals because in a representation log X i = f (log M): 1) There is no unique function to describe the evolution (in logarithmic scale) of the mass fractions with the mass. In the first approximation, this evolution can be described by a step function. The first reason for this behavior is that stars from different mass ranges have different wind mass loss and so, different contributions to the enrichment of ISM. The second reason is that the mechanism through which the wind is driven changes at 25-30 M ⊙ ;
2) The composition in the wind between 15 and 25 M ⊙ is dominated by He, and between 25 and 50 M ⊙ by C and O.
The mass lossṀ i for the element i (in M ⊙ ) is:
Assuming that the mass loss is constant in time, the above equation will become:
For practical reasons it is useful to put all these terms as function of ln M instead of M. Then, the equation (1) can be written:
where we introduced the expression forṀ(X i ) and we assumed that X i ≈ X i, sur f . We will have X i (ln M) = exp(F ), where F = a ln M + b is the fitting function for ln X i = f (ln M) for the domain in which the integral is defined.
M = exp(G), where G = exp(ln k + α ln M), with k and α given into the section 6. G can be taken as the logarithm of some numerical value of the assumed stellar evolution model, for the stellar mass range in which is done the integration and, most important, for the considered element.
Introducing all this functions under the integral we can compute the mass fractions in the wind. In order to obtain the mass fractions in CR it is necessary to compute the ratios between the observed cosmic rays and the mass fractions from our proposed model for one example. Through this we will be able to evidentiate not only the general form, but also and some particular features of our formulas.
Plotting the data of individual nuclei as provided by the direct experiments shows, in general, a fair correspondence in overlapping energy ranges. The spectra can be described by simple power laws in energy:
where φ is the integral differential flux in particles/(m 2 s sr TeV/nucleus), φ 0 are the absolute flux normalizations and γ the spectral index for various elements. The fitting was done by Wiebel-Sooth & Biermann. Their results for elements between H and Ni can be seen in Table 2 .
In the particular case of, let say, carbon: 2.60 ± 0.09 1.81
where:
From (4):
which, in the general case, will behave like (j is for the isotopes):
with:
. Then, taking the minimum energy at a given rigidity p * i /Z and considering that is not existing one superior limit for energy at which the particle can be accelerated, the number of particles of one type will be:
Now, because the mass fraction:
with k = H,..,i,...,Fe , the observed cosmic ray mass fractions ratio will be (for carbon): 
which can be simplified using the rigidity p * C Z C = p * He Z He :
In equation (6), p * 2 He = √ 2m He E 0 , with E 0 = 100 MeV the lower energy cutoff. The cosmic ray ratio between mass fractions will be:
with the general form:
In our model, for obtaining the real CR mass fractions, is necessary to take into account also the FIP correction factors (for ionization losses):
Now, the mass fraction ratio of any element present in cosmic rays and He can be computed and compared with the model results for the same ratios.
Results
After several tests we saw that the stellar mass loss was just a second order correction, being possible to neglect it. Without this, the model mass fraction formula (2) becomes:
In our computations we had to consider also that, between two Table 1 mass values, the mass fractions in the wind are constant.
First, we took an equal mass fraction contribution of RSG and WR stars to the production of the observed cosmic radiation. In this case, the obtained values are summarized in Table 3 where, in the second column is the nuclear charge number and in the third the mass number. The column noted with FIP contains the first ionization potential for the considered element. In the ninth column we have the needed factor for equality between the model and cosmic ray abundances, each normalized to the corresponding mass fraction for helium. min and max are the minimal and, respectively, maximal factors with which we have to multiply the model mass fraction ratios in order to take account also of the spallation correction ratios and obtain the experimental value.
In what follows we tried to prove that, after considering the spallation correction, the factor that differentiate the model mass fraction ratios from the observed ones (for even-Z elements) is related to the ionization losses (abundance decrease) for elements whose FIP exceeds about 10 eV, due to the particle Table 3 . Our model data considering that RSG and WR stars are having an equal contribution to the production of the observed cosmic radiation. escape mechanism from the photosphere and the chromosphere to corona, and, also, to the different radiative preacceleration (before the shock injection) of WR star wind particle species. Proving that the radiative acceleration plays an important role in the abundance of cosmic rays will be an independent study and, because of its complexity, will make the subject of another paper. Analyzing the data in the Table 3 we see that the column 4 mass fractions are too high. Second, the columns 10 and 11 factors are not even allowing the spallation correction for even-Z elements (see O, Ne,Si), and no FIP correction factor (see column 9) is evident for the elements with FIP≥ 10 eV.
In this theoretical interpretation we can not count on a correct value for the observed cosmic ray hydrogen because its principal contribution to the interstellar medium enrichment and cosmic ray spectrum doesn't come from stars with 15M ⊙ ≤ M ≤ 50M ⊙ , but from other sources: low mass stars (ISM SNe and RSG SNe) and Active Galactic Nuclei (AGN) jets.
So, it is necessary to consider that the WR and RSG stars are having a different contribution to an element abundance in CRs. The formula which describes this can be written:
where for the previous studied case we had α = 1/2. In the same time we need a formula for the radiative preacceleration correction in the stellar wind and which, after introduction of the spallative correction, to give an overabundance in the wind (for Mg, Si and Fe), relative to the observed CRs, situated between 4 and 6 (if we are taking 1 as reference level for CR/surface abundances for C, O and Ne).
For clarity, for a FIP correction "hidden" in the mass fraction ratio, observed/model it is the same as saying CR/surface.
We took first the preacceleration correction as being:
In this way: In the above equations γ in j is the spectral index at injection into the SN shock. After computations it was clear that, for any value of the α parameter, the data obtained for min, max and model/observed were not in the limits of the physics hidden behind these factors (min ≥ 0.5 and 1.6 ≤ max ≤ 2).
None of our further tries, with similar forms of (9), gave good results (even using γ di f f usion = 7/3 or the Table 2 γ values instead of γ in j = 8/3).
The formula that worked was:
where s is one parameter that was determined as being ∼ 1 (see Table 4 ). The factor Z i Z He s seems to be related to a different preacceleration (and, consequently, a phase space separation) of the wind particles before their injection into the supernova shock of the WR predecessor. In (8), trying α = 2/3 (a contribution for RSG of 66% and for WR of 33%), we obtained for even-Z elements the Table 4 values.
Using other α factors we obtained also good results for α = 3/4, α = 4/5 and α = 3/5 (see Tables 5,  6 and 7). We checked also for 1/3, 1/4 and 1 values, but the differences between the s values for the triplet C, O and Ne were to big to consider any of these as a valid candidate for the exponent of Z.
Comparing the ratios observed/model from the Tables 4, 5, 6 and 7 it can be remarked that, for Mg, Si and Fe the values which enter in the domains of all three are for α = 2/3 (observed/model = 4.0088 ÷ 4.878) Table 6 . Mass fraction ratios for even-Z elements when α = and for α = 3/5 (observed/model = 4.01385 ÷ 7.2134). Taking C, O and Ne mass fractions as reference ratios for CR/surface and equal to 1, we can see that the behavior of this ratio versus FIP is having a very good resemblance with the ratio CR/GA described in "The FIP Factor Correction" section of this report. We should remember that it was theoretically predicted a same FIP factor for the elements Mg, Si and Fe. One confirmation of our α choices comes from the fact that it is known from other theoretical and observational sources that the hydrogen mass fraction is 3 -4 times less than the total CRs hydrogen mass fraction (in this energy range). This is the reason why, in the third column of Tables 4 -7, the ratio X H X He model is so high. The FIP for hydrogen is 13.6 eV, making from it an element affected by ionization loss and placing it on the same underabundance (compared with the elements with FIP ≤ 10 eV) level with C, O and Ne. But, in both α = 2/3 and α = 3/5 the observed/model factor for H is fitting the theory by being at least 3 or 4 times smaller than the one for Mg, Si and Fe. Each one of our two α cases is having its good and bad sides. For α = 2/3 we have for C, O and Ne the smallest difference in s, but the sum over all the mass fractions for this α is bigger than the one for α = 3/5, this sum being closer to 1 for the last case (≃ 1.2379 for α = 2/3, and ≃ 1.1065 for α = 3/5).
The final choice will be made by testing the 22 Ne/ 20 Ne and ( 25 Mg+ 26 Mg)/ 24 Mg CRs ratios for both alphas.
Test
Neon is one of the most important elements in CRs because its two major isotopes, 22 called neon-A, is believed to represent the primordial neon isotopic abundance at the formation of the solar system, and this value has been adopted as "standard" solar system composition: /3 ) and 0.3208 (for α=3/5) which, compared with the solar system value of 0.27, suggests that the cosmic ray source and solar system material were synthesized under different conditions. The obtained values are also suggesting that α=2/3 is the right proportion which we were looking for.
Conclusions
• The observed cosmic ray radiation at energy up to 3 × 10 18 eV can be generated by acceleration of stellar wind particles in supernova shock (see Fig. 6 ).
• The contribution ratio of RSG stars and WR stars to the CRs mass fractions is 2:1.
• Ionization loss is responsable for the underabundance in the observed CR elements with FIP≥ 10 eV.
• We can consider Si as reference element for overabundance of elements with FIP ≤ 10 eV relative to those affected by ionization loss (see Fig. 4 ). The FIP correction factor will be, in this case, 4.4434 ± 0.4346. In this way, we can see that the elements with FIP less than 10 eV are having an larger mass fraction than the elements with FIP greater than 10 eV (relative to Si), by a factor of ∼ 4. This happens to be exactly Z 2 in jection , the initial degree of ionization squared. Therefore, cosmic ray particles of an element with an initial degree of ionization of two are more likely to be injected into the supernova shock.
• The observed cosmic rays have an increased mass fraction by another factor of Z i Z He s . This factor seems to be the result of a differentiated radiative preacceleration (phase space dispersion), before shock injection, of different elements found in the Wolf-Rayet stellar atmospheres. The reasons which are taking us to this conclusion will be detailed in another paper.
